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Powerful astrophysical sources produce non-thermal spectra of very-high-energy photons, 
with generic power-law distributions, through various radiative processes of charged 
particles, e.g., synchrotron radiation, inverse Compton processes, and hadronic interactions. 
Those charged particles have themselves been accelerated to ultra-relativistic energies 
in intense electromagnetic fields in the source. In many cases, the exact acceleration 
scheme is not known, but standard scenarios, such as Fermi mechanisms and reconnection 
processes are generally considered as prime suspects for the conversion of bulk kinetic or 
electromagnetic energy into a power law of supra-thermal particles. This paper proposes 
a short introduction to the various acceleration and radiative processes which shape the 
distributions of very-high-energy photons (εγ � 100 MeV) in astrophysics.

© 2015 Académie des sciences. Published by Elsevier Masson SAS. All rights reserved.

r é s u m é

Les sources astrophysiques puissantes sont à l’origine de spectres non thermiques de 
photons de très haute énergie, généralement caractérisés par des distributions en loi 
de puissance. Ces photons sont le fruit de processus radiatifs divers de particules 
chargées primaires, qui interagissent, par exemple, par rayonnement synchrotron, processus 
Compton inverse ou par des interactions hadroniques. Ces particules chargées ont, quant 
à elles, été accélérées à des énergies ultra-relativistes dans les champs électromagnétiques 
intenses des sources. Le mécanisme exact de l’accélération est bien souvent inconnu, mais 
les processus de Fermi, ou de reconnexion, sont généralement considérés comme des 
agents idéaux d’une conversion d’énergie d’ensemble, cinétique ou electromagnétique, en 
énergie de particules supra-thermiques. Cet article propose une brève introduction à la 
physique de ces processus d’accélération et de rayonnement, à la source des spectres de 
photons de très haute énergie (εγ � 100 MeV) en astrophysique.

© 2015 Académie des sciences. Published by Elsevier Masson SAS. All rights reserved.
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1. Introduction

The pioneering detections of high-energy photons from cosmic sources in the seventies have opened a whole new way 
of studying the Universe, through the non-thermal radiation produced by the most violent particle accelerators. One under-
stands those manifestations through an apparently simple universal scheme: powerful sources accelerate charged particles 
in intense electromagnetic fields, and those particles then radiate non-thermal electromagnetic radiations via various elec-
trodynamical processes.

In the past decades, high-energy-photon astronomy has thus become an unvaluable tool to study the physics of accel-
eration and radiation in the core of powerful astrophysical sources. Thanks to the development of large collecting area and 
high resolution detectors [1,2], we have reached now a stage in which modellers and theorists alike strive to understand 
a wealth of high-energy data from various sources, such as active galactic nuclei, compact objects, gamma-ray bursts, and 
supernovae.

However, as the devil lies in the details, an in-depth description of the non-thermal radiation of a source involves highly 
complex phenomena acting on different scales, combining hydrodynamics, relativity, electrodynamics, plasma physics in 
extreme conditions, and even particle physics at large. Accelerating particles in cosmic sources turns out to be a complex 
task, mostly because the high conductivity of astrophysical plasmas screens efficiently any electric field in the rest frame of 
the plasma. The physics of particle acceleration in astrophysical sources has thus become a field of study it its own right.

In contrast, radiation physics is well known, but accurate calculations of the emitted spectra are often fraught with ap-
proximations made in the description of the source on scales that are not accessible to observation. Characteristic examples 
include the detailed description of magnetized turbulence, which determine the synchrotron spectra, or that of radiative 
backgrounds with which the accelerated particles interact. A careful comparison of a model to the data thus requires to 
bridge, in one way or another, the gap between the microphysical scales of acceleration and radiation and the macrophys-
ical scales of the source. These source models are discussed in the subsequent articles, while the present paper proposes a 
short introduction to the physics of acceleration and radiation inside high energy astrophysical sources.

General features of acceleration processes are discussed first (Section 2) and radiative processes next (Section 3). Sec-
tion 4 provides a summary of the notions introduced with some perspectives. Two warnings are in order. One should first 
of all make a distinction between microphysical acceleration processes and bulk plasma acceleration mechanisms such as 
jet and wind launching: the acceleration processes that we are interested in give a possibly large fraction of the available 
energy to a minority of the plasma constituents, e.g., a power-law distribution in Lorentz factor γ , dN/dγ ∝ γ −p with 
index p > 1, while the latter accelerate the bulk of the plasma. Although fascinating by itself, the topic of bulk plasma ac-
celeration is not discussed here. Furthermore, given the breadth of the topics discussed here, it is of course impossible to do 
justice to either of these; hence, emphasis has been put on the fundamental physical processes, on modern developments 
and on some applications in high-energy astrophysics. The subsequent articles offer multiple examples of applications of 
the various processes that are discussed in the following.

2. Acceleration mechanisms

There exist a number of reviews discussing the physics of particle acceleration in astrophysical sources, e.g., [3–9]. Parti-
cles can be accelerated in electromagnetic fields through the Lorentz force

dp

dt
= q (E + v × B) (1)

This fundamental equation is rich in useful lessons: the transverse character of the magnetic Lorentz force implies that the 
magnetic field does not exert work on the particle, so that acceleration requires an electric field. However, in a rest frame 
Rb in which the ions of the background plasma are at rest, i.e. no bulk velocity, electric fields are generally screened on 
a microphysical timescale due to the large mobility of the electrons, implying1 E |b = 0. In the laboratory frame, in which 
Eq. (1) is written, in which the plasma moves at velocity vp , there exists a motional electric field, E = −vp × B , associated 
with the Lorentz transform of the magnetic field; note that B is written here in the laboratory frame, which explains why 
no bulk Lorentz factor appears in this transform.

Therefore, in order to accelerate the particle in a general astrophysical setting, where ideal magneto-hydrodynamics 
(MHD) conditions apply, one must exploit the motional electric fields. This tells us that the acceleration timescale, in this 
laboratory frame, is at most of the order

tacc �
∣∣∣∣ 1

p

dp

dt

∣∣∣∣
−1

∼ tg

βp
(2)

where tg = p/(eB) denotes the gyration time of the accelerated particle in the magnetic field, and βp = v p/c. This upper 
limit saturates if motion along E is regular; however, the above E is transverse to B (see further below for the possibility 
of a parallel component E‖), therefore one also needs an agent, e.g., a force or scattering events, to push the particles 

1 Throughout this article, we use the index notation, e.g., |b, to indicate that the quantity is expressed in a given frame, here Rb.
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across the magnetic field. Indeed, if B is rectilinear and no such force exists, the particles simply cross-drift in the moving 
electromagnetic field, corresponding to helical motion around B |b in the Rb frame.

The nature of this force is a useful way to discriminate among various acceleration mechanisms. For instance, scattering 
in turbulent flows allows the particle to interact with the electromotive fields associated with the moving eddies; scattering 
back and forth across the shock wave allows the particle to benefit from the electric fields of the moving structures, while 
shock-drift acceleration takes place when the particle executes deformed Larmor orbits around the perpendicular (with 
respect to the shock normal) background magnetic field at a shock front. Such examples are discussed in some detail in the 
following.

It is important to note that in relativistic flows, the notion of an acceleration timescale becomes itself frame-dependent, 
therefore some care must be taken in the choice of the proper frame in which to discuss the physics.

One may also note that the above equation may be generalized to rotating systems, e.g., pulsar winds or black hole 
magnetospheres, in which an electromotive force is induced by the rotating magnetic field structure; in that case E =
− (� × r)× B , where � denotes the angular rotation vector and r the particle position. A net potential then exists between 
the poles of the object and the equator at infinity, which may lead to acceleration. In such objects, however, the acceleration 
process leads to a bulk acceleration of the whole plasma, which will not be discussed here.

In principle, there may exist linear accelerators in astrophysical sources, in which there exists a component of E parallel 
to B , or in which E > B . Obviously, such sources do not satisfy to ideal MHD conditions; reconnection flows, in which 
resistive effects destroy the magnetic field in the current sheet are one such prominent example of that class. They will be 
discussed in Section 2, where it will be shown, in particular, that an acceleration of the form of Eq. (2) can nevertheless be 
defined.

Other examples of non-ideal MHD accelerators are wakefield and ponderomotive forces; the former accelerates particles 
in an electrostatic field that has been created in the wake of some electromagnetic disturbance. It may play an important 
role in the physics of relativistic magnetized shock waves [10–12]. The latter accelerates the particle in the gradient of an 
electromagnetic field structure, with a force ∝ ∇ B2.

The exact shape of the particle distribution function can be obtained by solving a transport equation in momentum 
space, accounting for the energy gains and particle losses (or energy losses). In the absence of particle escape from the 
accelerator, one generally expects to observe an exponential-like distribution peaking at a maximum momentum, at which 
the acceleration, escape and radiative timescales become comparable, with a cut-off above, where escape or radiative losses 
dominate. In the presence of particle escape, it can be shown that the particles follow a power-law dN/dγ ∝ γ −p due to 
the competition between energy gain and escape. The number of particles N(> γ ) ∝ γ 1−p then scales with the probability 
of achieving a Lorentz factor > γ , which scales as (1 − pesc)

n , with pesc the probability of escape at each energy gain event 
and n the number of energy gain events. The latter is given by n � ln (γ /γ0) / ln

(
1 + 〈

�γ /γ
〉)

, in terms of γ0 the injection 
Lorentz factor and 

〈
�γ /γ

〉
the mean relative energy gain per event. The index p of the power-law then reads [13]

p � 1 − ln (1 − pesc)

ln
(
1 + 〈

�γ /γ
〉) (3)

In the case of diffusive acceleration at strong shock waves, it directly leads to an index p � 2.0, as shown later in Sec-
tion 2.2.

The high-energy cut-off is of great importance, because its observation brings information on the acceleration efficiency 
and the radiative properties of the source. If one writes the acceleration timescale as tacc ≡ Atg, with A � 1/βp follow-
ing the above discussion, then at least, one needs to match tacc with the synchrotron loss timescale tsyn = 4

3 σTUBγemec
for electrons (UB denoting the magnetic field energy density, σT the Thomson cross-section and γe the Lorentz fac-
tor of the electron). This gives rise to the radiation reaction limiting Lorentz factor γmax = 1.17·108 A−1/2 B−1/2

−4 (with 
B−4 = B/10−4 T; unless otherwise specified, we use the notation Q x = Q /10x with Q expressed in SI units). To this 
maximal Lorentz factor of the accelerated electron corresponds a maximal synchrotron photon energy [14]

εγ,max ∼ A−1 mec2

αem
∼ 70A−1 MeV (4)

in terms of αem the fine structure constant. This maximal energy is independent of the magnetic field strength, provided 
tacc indeed scales linearly with tg. The above maximal synchrotron photon energy has been written in the laboratory frame, 
in which the acceleration and radiation processes have been described; in the observer frame, the energy may be affected 
by a Lorentz boost.

2.1. Turbulent acceleration

The original model of E. Fermi in 1949 [15] relied on the interaction of a particle with (sub-relativistic) moving mag-
netized centers. The physics of acceleration can be depicted in this case as a kinematic process, in which the particle 
gains or loses energy through an elastic scattering with a moving structure: if the particle has mass m and momentum 
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p (energy E p) and scatters to momentum p′ (energy E ′
p), while the magnetic cloud has mass M 
 m and momentum 

q � Mc (energy Eq), then energy-momentum conservation implies

�E p

E p
�

(
p′ − p

) · q

M E p
+O

(
�p2

q2

)
(5)

for �E p ≡ E ′
p − E p , indicating that energy gain takes place in head-on collisions, while energy loss occurs in tail-on colli-

sions. The above result can be obtained (and generalized) by a double Lorentz transformation, in which one switches from 
the laboratory to the rest frame R of the moving structure, where the particle suffers pitch angle deflection at constant 
energy in the limit M 
 m, then Lorentz transforming back to the laboratory frame. Defining the velocities βp = pc/E p

and βq = qc/Eq ,

E ′
p = γ 2

q

(
1 − βpβq cos θ

)(
1 + βpβq cos θ ′|R

)
E p (6)

where θ (resp. θ ′
|R) denotes the angle between p (resp. p′) and q; note also that θ ′

|R is defined here in the frame of the 

magnetic cloud, while θ is expressed in the laboratory frame. In the sub-relativistic limit, i.e. γq ≡ (
1 − β2

q

)−1/2 ∼ 1, one 
recovers the previous formula.

On average, energy gain takes place due to the fact that head-on encounters are more frequent than tail-on encounters 
for a moving particle in a medium with an isotropic distribution of cloud velocities. Weighting the energy gain by the 
collision frequency νcoll ∝ ∣∣β p − βq

∣∣, assuming that cos θ and cos θ ′
|R are random variables, one obtains the average energy 

gain, which leads to advection in momentum space〈
�E p

E p

〉
� 4

3
β2

q +O
(
β4

q

)
(7)

and the variance, which represents the diffusion term in momentum space,〈
�E2

p

E2
p

〉
−

〈
�E p

E p

〉2

� 2

3
β2

q +O
(
β4

q

)
(8)

The evolution of the particle distribution function can be described by a Fokker–Planck equation in the limit βq � 1 (small 
energy gain), characterized by the above advection and diffusion terms. These terms are of second order in βq , one power 
of βq resulting from the difference in collision probability between head-on and tail-on, the other from the energy gain 
(when energy gain occurs). As βq → 1, the notion of first or second order loses its significance as energy gains can become 
of order unity, see, e.g., [16]; one cannot write down a Fokker–Planck equation in this case, since each interaction leads to 
a substantial energy gain, see [9].

As is well-known, the typical velocity of interstellar clouds, βq ∼ 10−4, implies an acceleration timescale tacc =
λ/〈�E p/E p〉 ∝ λβ−2

q that is so large that acceleration of cosmic rays cannot take place in regards of cooling losses through 
ionization of the interstellar gas. Nevertheless, this Fermi mechanism represents the proto-typical acceleration mechanism 
of particles interacting with motional electric fields. It can actually be generalized to acceleration through the interaction 
with a magnetized turbulence: in a first approximation, one can substitute the wave phase velocity, e.g., vA, for βqc, and the 
scattering length �scatt for λ. To obtain a better approximation of the transport, one needs to write down the explicit Fokker–
Planck terms, which are obtained in quasi-linear theory from the Vlasov equation of the particle distribution function (e.g., 
[8] and references therein).

2.2. The Fermi process at strong shock waves

The above Fermi process can also take place when the particle bounces on magnetized media back and forth across a 
shock front [3,4,13,17–19]. Then, the energy gain becomes systematic due to the converging nature of the flow across the 
shock. In order to see this, one needs to define and distinguish various reference frames; in the so-called shock frame, in 
which the shock surface is at rest, the unshocked plasma (also called the upstream) is inflowing into the shock, while the 
shocked plasma (called the downstream) is flowing away from the shock at a sub-sonic velocity. As made clear in Fig. 1, if 
the particle is returning from downstream to upstream, moving towards +x, then, as seen in the downstream frame, the 
particle sees a magnetized turbulence which moves towards −x, which will imply a head-on collision if the particle returns 
towards downstream after the scattering event; the same can be said by exchanging upstream and downstream, once the 
particle is residing upstream.

More formally, one can use Eq. (6) again, replacing βq with βrel, the relative velocity between the upstream and down-
stream media: consider a particle initially residing upstream of the shock, with energy E p , crossing to enter downstream 
with an angle2 π/2 ≤ θ ≤ π; in this case, βrel > 0 denotes the relative velocity between downstream and upstream, it is 

2 Actually, the condition to return downstream is −1 ≤ cos θ ≤ βsh, where βsh denotes the velocity of the shock relative to upstream.
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Fig. 1. (Colour online.) Sketch of the Fermi acceleration process as viewed in the downstream rest frame (a) and in the upstream rest frame (b). The arrows 
indicate the velocities of the shock front and of the upstream (a) [resp. downstream (b)] frame in the indicated rest frame.

oriented towards +x and therefore the term in the left brackets is positive; after having diffused downstream, the particle 
returns upstream with an angle3 0 ≤ θ ′ ≤ π/2, implying that the term in the right brackets is also positive. Independently 
of θ and θ ′ , the energy gain is thus always positive. In the frame in which the shock is at rest, it is possible to show that 
the mean energy gain, obtained by weighing the energy gain for a single ultra-relativistic particle derived from the above 
equation with the flux and marginalizing over the random cos θ and cos θ ′ in the above intervals, is〈

�γ

γ

〉
� 4

3
βrel (9)

which is thus of first order in βrel; the above equation is valid in the sub-relativistic limit βrel � 1, see below for its 
generalization to relativistic flows. This acceleration mechanism is thus particularly efficient, and its application at the shock 
waves of supernova remnants is believed to explain the origin of cosmic rays with energy up to the so-called “knee” (which 
marks a break in the general power-law of the cosmic ray spectrum at an energy of 2·1015 eV).

The competition between the energy gain, associated with the cycles of the particle around the shock front, and the 
possibility of escape from the acceleration site through advection with the downstream plasma,4 leads to the emergence 
of a power law. The microphysical analysis of [13] shows that the escape probability at each cycle is 4βsh/r, with r =
βsh/ (βsh − βrel) the shock compression ratio, while Eq. (9) gives the energy gain as 4(r − 1)βsh/(3r). In accordance with the 
previous formula Eq. (3), the index is

p � 1 + 3

r − 1
(10)

i.e., p � 2.0 for a strong non-relativistic shock, for which r = 4. The consequences of Fermi-type acceleration at a supernova 
remnant shock front are discussed in this volume in [20].

In the above scheme, the particle distribution function gets isotropized through pitch angle diffusion in the magnetized 
turbulences on both sides of the shock front, hence this process is often referred to as “diffusive shock acceleration”. Other 
mechanisms of acceleration are possible: for instance, if the particle interacts with a strong background magnetic field, it 
suffers “shock-drift acceleration”, since the compression of the magnetic field at the shock front implies a drift along the 
motional electric field E . Such acceleration is in general limited in extent, as the particle eventually escapes downstream 
(e.g., [5]).

No distinction is made here according to the obliquity of the magnetic field, although it is generally accepted that 
the physics of acceleration depends on the magnetic configuration. In particular, one should distinguish subluminal from 
superluminal shock waves [21]: in the former case, one can transform to a frame in which the magnetic field is aligned 
with the flow and the shock front is at rest, while in the latter no such transformation is possible, instead one can transform 
into a frame where the magnetic field is exactly perpendicular to the shock normal with the shock front at rest. Parallel 
shocks, with B oriented along the shock normal, thus belong to the former category, while perpendicular shocks belong to 
the latter. In parallel shock waves, particles can travel to arbitrarily large distances upstream and downstream of the shock 
front by circulating around the field lines, therefore diffusive shock acceleration is believed to operate according to the 
standard scheme. In a perpendicular configuration, however, particles must diffuse across the magnetic field lines in order 
to undergo diffusive shock acceleration, although shock-drift acceleration may be efficient in this case. At present, there is 
no general agreement on the efficiency of acceleration in either configuration, because this efficiency depends strongly on 
the type of turbulence which is excited on both sides of the shock front by the accelerated particles themselves; see [22,23]
for recent simulations.

3 As well, the exact condition is βsh|d ≤ cos θ ′ ≤ 1 so that the particle can outrun the shock, which is moving with velocity βsh|d relative to downstream.
4 In principle, escape does not occur upstream, since the upstream plasma is advected at the shock velocity towards the shock front, as viewed in the 

shock rest frame. However, the highest energy particles, which may explore the far upstream regions beyond the shock precursor, where the turbulence 
level is low, may decouple from the flow and escape upstream.
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Most of the action today in this field of research is actually related to understanding the non-linear relationship between 
the physics of the collisionless shock, the acceleration of supra-thermal particles and the back-reaction of these particles on 
the magnetized turbulence in the immediate vicinity of the shock, see, e.g., [24] for analytical studies and [22,23] for numer-
ical simulations. There are indeed evidence from multi-wavelength observations of supernova remnant shock waves that the 
magnetic field behind the shock front has been amplified to values one or two orders of magnitude larger than interstellar 
ones [25]. The leading mechanisms for this amplification are the streaming instability (e.g., [26]), its modern generalization 
(Bell instability [27]), according to which the net parallel current carried by the cosmic rays excite gyro-resonant or smaller 
scale modes in the background plasma, or a pressure driven instability [28].

Such an amplification is also warranted from a more phenomenological point of view, since it is well-known that at the 
Bohm limit, meaning tacc = tg/β

2
sh, the maximum energy that protons can reach in supernovae remnant shocks falls short 

of the so-called knee of the cosmic ray spectrum by one or two orders of magnitude [29], whereas a stronger field could 
lead to enhanced confinement, hence a maximum energy closer to the so-called “knee” of the cosmic-ray spectrum. The 
maximum energy clearly has a direct impact on the production of gamma-rays, and the observation of > 10 TeV gamma-rays 
by Cherenkov telescopes certainly attests of the acceleration capabilities of these objects.

2.3. Acceleration at relativistic shock waves

As the shock velocity transits towards relativistic values, the physics of the acceleration become quite different. First and 
foremost, since the shock moves about as fast as the accelerated particle, diffusion does not have time to set-in on the 
upstream side of the trajectory. Actually, as viewed from the upstream rest frame, the particle is systematically caught back 
by the shock wave as soon as its velocity along the shock normal drops to values ≤ βsh, i.e. as soon as it is deflected by 
an angle such that cos θ ≤ βsh, or θ ∼ 1/sh [30,31]. Downstream, the particle must turn around quickly enough to catch 
back the shock front, which moves away at a large velocity, i.e. βsh|d � 1/3 for a strong hydrodynamic shock solution. The 
energy gain also becomes substantial: it is of order 〈�γ /γ 〉 ∼ 2

sh during the first Fermi cycle around the shock, although 
it drops to a factor ∼2 in subsequent cycles [31,32]. This latter result is not trivial; it directly stems from the anisotropy of 
the cosmic ray population upstream, focused within an angle 1/sh.

Furthermore, due to Lorentz transform effects, which boost the perpendicular (with respect to the shock normal) com-
ponents of the magnetic field by sh while leaving unchanged the parallel component, when going from the upstream rest 
frame to the shock rest frame, relativistic shock waves are generically perpendicular (super-luminal) [33]. Unless scattering is 
strong behind the relativistic shock front, particles will thus be advected away with the magnetic field lines downstream of 
the shock front. Because the particles only probe a distance of the order of their gyroradius rg behind the shock, before being 
reflected towards upstream or advected towards downstream, it is possible to show that only a small-scale turbulence, laid 
on scales λδB � rg and of sufficiently intense strength δB 
 (rg/λ)B0 (B0 representing the background compressed field in 
the downstream frame), can unlock the particles from the field lines and allow the Fermi process to develop [34–37]. These 
conditions can be rewritten in terms of the background magnetisation of the flow, σ = B2

0/ 
[
μ0sh(sh − 1)nmpc2

]
, of the 

equipartition fraction of the magnetized turbulence εB = δB2/ 
[
μ0sh(sh − 1)nmpc2

]
and in terms of the (downstream) 

plasma frequency as follows:

σ � ε2
B

(
λδBωp

c

)2

(11)

for the supra-thermal particles of typical energy γshmpc2; the former relation implies λδB � c/ωp. Since a typical value of 
εB is 0.01, this equation suggests that only weakly magnetized relativistic shock waves can accelerate particles efficiently 
[36,37]. This result has been confirmed by particle-in-cell (PIC) simulations, which indeed find an upper limit σ ∼ 10−4 for 
particle acceleration, in excellent qualitative agreement with the above [38]. The above relations also imply the existence 
of a maximum energy beyond which the Fermi process should no longer be operative, Emax ∼ γshmpc2ε2

B/σ , since the 
efficiency of scattering in micro-turbulence decreases with increasing energy and beyond Emax, the particles are advected 
away before being scattered.

The nature of the micro-turbulence is most likely related to the micro-instabilities that develop in the precursor of the 
relativistic shock through the interpenetration of the supra-thermal and background particle populations. At very low mag-
netization, the leading instability is the filamentation or Weibel instability [39]; as magnetization increases, a perpendicular 
current instability, triggered by the gyration of the supra-thermal particles in the background magnetic field, becomes dom-
inant [40,41]. At even higher magnetizations σ � 0.1, a synchrotron maser instability shapes the shock [10,11].

Much has been understood in the past decade or so in this field of research, but much also remains to be understood. 
In particular, how acceleration proceeds at magnetized, ultra-relativistic shock waves representative of the termination of 
pulsar winds remains a real challenge, see, e.g., [42] for a review, and also the contribution [20] in this volume. Although 
the above arguments suggest that the Fermi process should not take place, the reconstruction of the electron distribution 
in the Crab nebula and similar objects rather suggests a power-law with index s = 2.2, in excellent agreement with the 
predictions of the test particle simulations assuming isotropic scattering downstream of the shock (e.g., [31,32,43–45]). 
Another essential question is how acceleration proceeds in the mildly relativistic limit, γshβsh ∼ 1 and, in particular, what 
are the leading plasma instabilities that shape the magnetized turbulence in that region of parameter space, see [46] for 
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Fig. 2. (Colour online.) Sketch of a reconnection region around a X-point. See text for details.

advances. Such mildly relativistic shock waves are possibility encountered in gamma-ray burst outflows (see [47] for a 
review, as well as [48] in the second volume of this review), in blazar outflows (see, e.g., [49] in the second volume) or 
trans-relativistic supernovae and they may be the source of cosmic-rays over a wide energy range. Another general question 
is how the turbulence evolves on much longer timescales than those currently probed by PIC simulations and how does the 
acceleration of particles to higher energy affect the structure of the shock, e.g., [50].

A strong prediction of Fermi acceleration in the ultra-relativistic limit, as it applies at the external shock of gamma-ray 
bursts, during their afterglow phase, is the absence of significant polarization, due to the microscopic nature of the turbu-
lence. Another prediction is a reduced maximum synchrotron photon energy, relatively to what might be expected for a 
Bohm scaling tacc ∼ tg, due to the fact that the scattering in a micro-turbulence is less efficient than that in a large-scale 
turbulence (e.g., [51,52]).

2.4. Magnetic reconnection

The process of magnetic reconnection has long been proposed as a source of high-energy particles in the solar corona 
(e.g., [53] and references therein); in recent years, it has gained popularity as its phenomenological features might explain 
the rapid variability of blazar flares (e.g., [54]), the flaring high-energy emission of the Crab nebula (e.g., [55,56]) or the 
pulsed high-energy emission of pulsars (e.g., [57] and references therein). Although the physics of collisionless magnetic 
reconnection remains largely unexplored, significant advances have been made in the past decade through the use of high 
performance (HPC) particle-in-cell (PIC) simulations, up to three-dimensional in space.

According to the basic scenario, magnetic reconnection is associated with the dissipation of magnetic energy through 
non-ideal processes in localized regions. This dissipation transfers energy from the magnetic field to particles and to tur-
bulence. Beyond a simple heating of the plasma, the electromagnetic configuration in the vicinity of reconnection regions 
allows for efficient particle acceleration. Detailed modern reviews are provided by [58–60].

A generic configuration is that of a X-point, where magnetic field lines incoming from above and below a current sheet 
meet and annihilate, leading to the formation of a reconnected magnetic field which is advected away to the left and to 
the right of the reconnection site, see Fig. 2. If the X-point is drawn in the x– y plane, with a magnetic field oriented 
along +x (above the current sheet) or along −x (below the current sheet), the reconnected magnetic field has a strong y
component. The pressure gradients lead to a stationary situation in which plasma and magnetic fields are advected towards 
the reconnection site along −y (resp. +y) above the current sheet (resp. below) with some velocity v in , then expelled away 
from the reconnection site along ±x. Accordingly, there exists a motional electric field Erec = −v in × B oriented towards 
−z, both above and beneath the current sheet. A steady state situation also implies ∂t B = 0, hence ∇ × Erec = 0, hence 
a y-independent Erec. This reconnection electric field thus persists in the reconnection region, which is essentially devoid 
of magnetic field. In this reconnection region, acceleration thus proceeds along the electric field as in a linear accelerator 
[61,62]. If reconnection proceeds with a guide field, meaning a non-vanishing component of Bz , then acceleration still occurs 
in the reconnection region since E · B �= 0 there.

In the above picture, reconnection is believed to initiate along the current sheet through the so-called tearing instability, 
which leads to the appearance of multiple reconnection sites, separated by magnetic islands, which forms regions of closed 
field lines (around O -points). Particles trapped in a magnetic island are subject to Fermi-type acceleration whenever the 
island contracts (e.g., [63]).

Other acceleration processes are possible. In particular, the existence of a motional electric field outside the reconnected 
region, on both sides of the current sheet, permits Fermi-type acceleration whenever a particle can explore this converging 
electromagnetic structure [64].

A general feature of reconnection scenarios is the generation of a high-energy power-law tail, with a hard spectral index, 
i.e. dN/dγ ∝ γ −p with p ∼ 1 → 2; in such case, a small fraction of the particles carries most of the energy. One important 
question is the efficiency and the rate through which the initial magnetic energy can be transferred into this power-law 
spectrum. Particle-in-cell simulations suggest that a significant fraction of the energy can be transferred into those plasma 
particles that experience reconnection but, given that reconnection sites are limited to a small volume, it is not clear yet 
what fraction of the total energy in a given volume can be transferred and at what rate. Of course, much also remains to 
be understood for the basic process controlling reconnection.

Another key question is the reconnection rate v in/c, which directly controls the magnitude of Erec, which in turn help 
determine the maximal energy and the acceleration rate; in a relativistic setting, recent PIC simulations suggest v in/c ∼ 0.1, 
implying an acceleration timescale tacc � tg/(vrec/c) not far from the Bohm timescale (e.g., [65]).
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3. Radiation of high-energy photons

The physics of high-energy radiation in astrophysical environments is discussed in great detail in textbooks such as [66]. 
Here, only the introductive aspects are recalled, then the emphasis is put on modern developments and on the application 
of these energy losses processes to actual scenarios.

3.1. Leptonic processes

Electrons accelerated to high energies can radiate high-energy photons through a variety of quantum electrodynamical 
processes, but synchrotron radiation and inverse Compton radiation are certainly the most general in astrophysics.

3.1.1. Synchrotron radiation
Synchrotron radiation results from the radiation of the electron as it spirals around a magnetic field line. The standard 

radiation formula of an accelerated charge, expressed through the Liénard–Wiechert potentials leads, after elaborate calcu-
lations, to the expression for the synchrotron power and spectrum, see, e.g., [67,68] as well as [66] for details. The electron 
loses energy, and therefore radiation energy is produced, at a rate given by

dEe

dt
= −4

3
σTUBγ

2
e β2

e c (12)

with γe = (
1 − β2

e

)−1/2
the Lorentz factor of the electron, σT the Thomson cross-section and UB the magnetic energy 

density.
The resulting single particle spectrum has a complicated shape described by Bessel functions but its main properties can 

be understood as follows: highly relativistic particles (γe 
 1) emit most of their radiation in a cone of opening angle 1/γe
due to relativistic beaming; during the spiralling motion, this cone crosses the line of sight to the observer on a timescale 
∼tg/γe with tg = γemc/(eB), but this pulse is seen by the observer with a width ∼tg/γ

3
e because the front of the pulse 

preceeds the rear by a length (1 − βe)ctg/γe; therefore the characteristic frequency of synchrotron radiation, where the 
spectrum peaks is νsyn ∝ γ 3

e /tg � 4.3 × 106 γ 2
e B−4 Hz (B−4 = B/1 T). Below this frequency, the characteristic spectral 

energy distribution (SED) ν Pν emitted by a single particle scales with frequency ν as ν Pν ∝ ν4/3, and it cuts off roughly 
exponentially above. Of course, if the comoving frame is moving towards the observer with a bulk Lorentz factor , the 
synchrotron emission is angularly beamed towards the observer, implying an increase of the flux by a factor ∼2, while the 
peak frequency is increased by ∼.

The synchrotron spectrum of a population of electrons can be obtained by folding the above power with the electron 
distribution; for a power-law, dNe/dγ � γ −p , one finds easily Pν ∝ ν−(p−1)/2: there are γ dN/dγ ∝ γ 1−p electrons in a 
log-interval logγ , emitting a power ∝ γ 2 [Eq. (12)]; noting that γ ∝ ν1/2, one arrives at the above result.

As discussed in Section 2, the maximal (electron) synchrotron photon energy is limited by the competition of the energy 
gain with the radiation loss to a value of the order of 70 A−1 MeV in the absence of relativistic bulk motion of the source, 
assuming that the acceleration timescale tacc = A−1 tg [14]. Therefore, electron synchrotron photons cannot populate the 
highest energy parts of the spectrum, unless the source moves at a large Lorentz factor towards the observer. In gamma-ray 
bursts, the synchrotron emission of electrons accelerated at the external ultra-relativistic shocks may nevertheless explain 
the long-lived GeV emission (e.g., [69], see also [48]). As mentioned previously, however, the maximum synchrotron photon 
energy in such shock waves remains limited to values of the order of 1 GeV on 100–1000 s timescales, even for bulk 
Lorentz factors as large as a few hundreds, due to the relatively inefficient scattering properties of the micro-turbulence in 
the vicinity of the shock (e.g., [51,52]). Consequently, the highest photons, with εγ � 10 GeV observed in some bursts, must 
have been produced through inverse Compton radiation [70], discussed next.

An interesting and original alternative to produce high-energy photons through electron synchrotron radiation is to gen-
erate very-high-energy electrons, with Ee � 1017 eV, through the pair production of very-high-energy ions on the cosmic 
microwave background; such electrons can then radiate GeV–TeV photons in extra-galactic magnetic fields, offering a valu-
able signature of ion acceleration to these extreme energies, e.g., [71].

The standard synchrotron calculation assumes that the electron gyrates around a straight magnetic field line. In a mag-
netized turbulence, the general features of the radiation spectrum may thus differ somewhat. The deviations are strongest 
when the particle explores several coherence cells of the turbulence while its emission cone of opening angle 1/γ re-
mains focused towards the observer; in this case, one speaks of jitter radiation, e.g., [72,73]. Which situation takes place is 
parameterized by the wiggler parameter

a = eδBλδB

mec2
(13)

If a � 1, then the particle is deflected by less than 1/γ while crossing a coherence cell of length λδB, therefore the jitter 
regime applies and alters the spectrum below the peak frequency, with a characteristic dependence ν0 (instead of ν1/3) 
for Pν . If 1 � a � γ , a moderate jitter regime applies, with modifications of the spectrum at frequencies ν < a−3νsyn and 
above νsyn. Finally, for γ � a, the standard synchrotron paradigm applies, even in a strong turbulence, because the particle 
only explores one coherence cell during its emission. Of course, one strong signature of radiation in a micro-turbulence is 
the absence of net polarization, which may otherwise take values of tens of percent in an ordered magnetic field.
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3.1.2. Inverse Compton radiation
Inverse Compton radiation is emitted through the upscattering of seed radiation, i.e. e− + γb → e− + γ , where γb repre-

sents here a seed or background photon, while γ denotes the upscattered photon. In the Thomson limit, the photon energy 
in the electron rest frame does not exceeds its rest mass energy, i.e. γeεγb (1 − βe cos θ) < mec2, with γe the Lorentz factor 
of the electron, εγb the energy of the seed photon and θ the angle between the momenta of the electron and of the photon. 
In this Thomson limit εγb � mec2/γe, the mean energy of the upscattered photon is εγ � 2γ 2

e εγb . The reason for the factor 
2γ 2

e is actually the same as for a Fermi process: in the rest frame of the electron, the photon suffers angular scattering with 
little energy change; going to this rest frame and back, after random angular deflection, the photon energy is increased by 
2γ 2

e on average, through the same kinematic process as in a relativistic shock.
In the Thomson limit, the electron loses energy at a rate

dEe

dt
= −4

3
σTU radγ

2
e β2

e c (14)

an expression very similar to that for synchrotron losses, expressed here in terms of the radiation energy density U rad. As 
a result, it is common practice to treat the inverse Compton losses on the same footing as synchrotron losses, by assigning 
an equivalent magnetic field strength to the radiation background: for instance, inverse Compton losses on the cosmic 
microwave background can be described as synchrotron losses in a magnetic field of strength 3.3·10−10 T.

The spectrum emitted by a power-law population of electrons is obtained by folding the electron distribution fe over 
the seed photon distribution fγ and the cross-section. The emissivity reads

dnγ

dtd3 pγ
=

∫
d3 pγb fγ(pγb

)

∫
d3 pe fe

(
pe

)
(1 − βe cos θ)

dσ

d3 pγ
c (15)

where all quantities are written in the comoving source frame. An additional Lorentz transform on d3 pγ on the r.h.s. is in 
general necessary to use the differential cross-section in the electron rest frame.

In the Thomson limit and single Thomson scattering limit, in which one neglects the possibility of rescatter-
ing the Compton scattered radiation, a simple approximation for the above writes the differential cross-section as 
(4πp2

γ )
−1σTδ

(
pγ − 2γ 2 pγb

)
and ignores the angular dependence. For an isotropic electron power-law distribution with spec-

tral index p (p > 2) in an isotropic photon background strongly peaked at εγb , the resulting photon spectrum is a power-law 
of slope −(p − 1)/2, as for synchrotron, peaking at ≈ 2γ 2

e,minεγb . Different approximations and/or more general distribu-
tions lead to different spectral dependencies. Multiple Compton scattering leads to rather characteristic spectra, with each 
Compton order separated from the previous one by a factor 2γ 2

e,min, until the Klein–Nishina limit is reached.

This Klein–Nishina limit corresponds to εγb � mec2/γe, i.e. a photon energy exceeding the rest mass energy mec2 in 
the electron rest frame. The cross-section decreases roughly as logεγb/εγb above this threshold and the energy gained 
by the photon is of course limited to the energy of the electron, i.e. εγ ≤ γemec2. A convenient approximation uses the 
Thomson formula Eq. (14) but truncates the radiation background energy density at the Klein–Nishina limit, i.e. U rad →
U rad

(
εγb < mec2/γe

)
. For detailed calculations, see [74].

A fundamental application of synchrotron and inverse Compton losses in high-energy astrophysics is the synchrotron 
self-Compton (SSC) process, through which the high-energy electrons upscatter the synchrotron background that they them-
selves produce. This process is one essential building block of the standard model of high-energy radiation from relativistic 
jets in active galactic nuclei and in gamma-ray bursts. The inverse Compton emission is detected nearly routinely in active 
galactic nuclei, see notably [49] in the second volume of this review, but there exist only a handful potential detections 
for gamma-ray bursts. Stringent upper limits have been obtained recently on the TeV emission from gamma-ray bursts by 
VERITAS (GRB130427A [75]) and H.E.S.S. (GRB100621A [76]).

In the SSC scenario, useful relations can be obtained directly from the arguments presented above. In the Thomson 
limit, assuming here as well single Compton scattering, the ratio of the cooling rates through inverse Compton scattering 
Eq. (14) and through synchrotron Eq. (12) implies that the ratio of the inverse Compton power P IC to synchrotron power 
Psyn verifies

P IC

Psyn
� U rad

UB
� Usyn

UB
(16)

This ratio corresponds to the Compton parameter Y � σTner〈γ 2
e 〉, ne and r respectively representing the electron density 

and radius of the emitting region; the average is taken over the electron distribution in the emitting region. This Compton 
parameter represents the mean energy gain of photons (in units of mec2), weighted by the interaction probability.

Another useful relation is that which ties the peak of the inverse Compton spectrum to that of the synchrotron compo-
nent: νIC,peak � 2〈γ 2

e 〉νsyn,peak. Of course, any deviation from the Thomson approximation, or multiple Compton scattering, 
can strongly modify these relationships.

Relativistic aberration can also strongly affect the way an object is perceived by the observer. For an emitting region 
moving with bulk Lorentz factor  (velocity βc) at angle θ away from the line of sight from the central source to the 
observer, one defines the Doppler parameter D = [ (1 − β cos θ)]−1; the angle θ is defined in the source rest frame. 
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A comoving frequency ν ′ becomes ν = Dν ′ through Lorentz transform; it is thus boosted by  if θ � 1/ as mentioned 
earlier, and otherwise deboosted by 1/. The specific intensity Iν of the radiation, which defines the amount of energy 
transported per unit surface area, per unit solid angle, per unit time and per unit frequency, transforms as ν3, hence 
Iν = D3 I ′ν ′ . Similarly, one can show that the observed spectral flux Fν ∝ Dq L′

ν , in terms of the proper spectral luminosity 
L′
ν at (observer) frequency ν; q = 2 +α for a jet-like emitting region with spectral index α = −d log I ′ν ′/d logν ′ , q = 3 +α

for a blob-like region [77].
For similar reasons, any radiation produced outside the jet can be strongly enhanced in the jet frame and therefore mod-

ify the standard SSC paradigm. In blazars, an obvious candidate for such external Compton radiation is the flux emitted by 
the surrounding accretion disk and torus [78]. In this external Compton scenario, the radiation measured by the observer has 
a different Doppler dependence, e.g., Fν ∝ D4+2α , and possibly, a different spectral dependence. This introduces additional 
freedom in modelling which is needed in certain blazar classes, as discussed in the second volume of this review [49].

3.1.3. Other radiative processes
In specific situations, other processes may be of importance, for instance curvature radiation in a pulsar magnetosphere 

(e.g., [79] this volume), in which the electron radiates along curved magnetic field lines, or pair cascades, in which the 
electron upscatters a background photon through inverse Compton losses, which then converts back into an electron (or a 
positron) through pair production processes etc. The latter is of importance in high-energy astrophysics, because it shapes 
the high-energy cut-off of extra-galactic sources through absorption in the diffuse extragalactic backgrounds, as discussed 
in the second volume of this review [80].

3.2. Hadronic processes

The two leading hadronic processes which lead to the production of high-energy photons in astrophysical sources are 
inelastic pp collisions and photo-hadronic pγ interactions. Nuclei are also subject to such interactions, but in many cases, and 
particularly so at high energies, these processes can be described as the interaction of single nucleons inside the nucleus.

Protons can also lose energy through synchrotron. However, at a same energy, the emitted power is a factor (mp/me)
4

lower than the corresponding energy loss rate for electrons, therefore proton synchrotron radiation only becomes efficient 
in intense magnetic fields and at high energies. Nevertheless, proton synchrotron radiation can reach energies higher than 
the electron radiation reaction limit by a factor mp/me. This process has been invoked in some blazar scenarios to explain 
the highest energy part of the spectrum, e.g., [81,82].

A common feature of pp and pγ processes is the production of pions, which then decay into photons (π0 → γ + γ) 
and neutrinos (e.g., π+ → μ+ + νμ , μ+ → e+ + νe + νμ), with the generic prediction of a comparable luminosity between 
photons and neutrinos in each flavor Lγ ∼ Lν . This provides a beautiful connection between cosmic ray, neutrino and 
high-energy-photon astrophysics [83].

3.2.1. pp Collisions
Photon production in inelastic reactions such as p +p → p +p +π + . . . likely explains the high-energy emission from the 

disk of the Milky way, through the collisions between cosmic ray protons and interstellar gas, see [84] in this volume. De-
tailed calculations indeed show that the observed flux is in good agreement with the predicted emissivity of the interstellar 
gas (e.g., [85,86]). This implies notably that the cosmic ray flux, which is measured locally in the Solar vicinity, appears as a 
good estimator of the average cosmic ray sea in the Galaxy.

Another potential use of pp collisions is to trace the acceleration of cosmic ray protons in young supernova remnants 
through the interaction of these protons with surrounding molecular gas, see, e.g., [87]. Molecular clouds are ideal targets as 
their “high” gas density, relative to the average interstellar medium, allows them to be illuminated by the cosmic rays when 
seen in high energy gamma rays. Two such sources have been detected very recently by the H.E.S.S. experiment [88,89]; see 
[20] in this volume for further discussion.

In general, the emissivity of interstellar gas is written

jγ(εγ) � 4π
∫
εγ

dEp
dnp

dEp
σppngc Z (17)

in terms of the interstellar gas density ng and the cosmic ray proton distribution function dnp/dEp cross-section σpp ∼
30 mb (see [85,86] for detailed parameterizations) and the factor Z is the so-called spectrum weighted moment of the 
inclusive cross-section, which models the energy dependence of the cross-section, see the above references.

3.2.2. pγ interactions
The photo-hadronic interaction is famous for the Greisen–Zatsepin–Kuzmin cut-off [90,91], which should occur at Ep ∼

6 × 1019 eV due to the photo-hadronic interaction with the cosmic microwave background. The reaction p + γ → p + π0

indeed becomes kinematically allowed when

εγ Ep ≥ mπ
(
mπ + 2mp

)
c4

(18)

2(1 − cos θ)
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depending on θ , the angle between the incoming photon and protons in the laboratory frame. The above can be approxi-
mated by εγ Ep � 0.2 GeV2. Integrating over the cosmic microwave background photon distribution, one obtains the effective 
GZK threshold, where a cut-off has indeed been detected recently by the HiRes experiment [92], then by the Pierre Auger 
Observatory [93].

The decay of the pion produces two photons, which typically carry 5–10% of the parent proton energy. Correspondingly, 
the inelasticity of this process is �Ep/Ep ∼ 0.1–0.2, leading to a rapid degradation of the proton energy. A common and 
convenient approximation is to describe the cross section through the � resonance, corresponding to the reaction channel 
p + γ → �+ → N + π, with N a proton or a neutron: at the resonance, meaning ε ′

γ = 0.3 GeV where ε′
γ is the energy of the 

photon in the rest frame of the proton, the cross-section is σ� � 300 μb. However, multi-pion production contributes to 
a substantial fraction of the integrated cross-section; hence, above an additional 0.5 GeV threshold, the cross-section reads 
σ � 0.2σ� + 80 μb (e.g., [94]).

Although photo-hadronic high-energy photons have never been identified unambiguously in astrophysical sources, this 
process is seen as a potentially important signature of proton acceleration to very high energies. High proton energies and 
luminosities are indeed necessary, given the high threshold and the overall weakness of the cross-section. Photo-hadronic 
interactions are thus expected in compact sources with intense radiation fields produced e.g., by the synchrotron process of 
electrons accelerated simultaneously. Examples include the signatures left by photo-hadronic photons at very high energies 
in the prompt phase of gamma-ray bursts [95,96] and the high-energy emission of blazars, either through the acceleration 
of protons to high energies in a jet dominated by leptons, or in a (hadronic) model where protons dominate the energy 
budget, see [49].

4. Conclusions

The aim of this article has been to provide a short introduction to the physics of particle acceleration and radiation in 
astrophysical sources. As discussed in Section 2, acceleration occurs mainly through the motional electric fields associated 
with the motion of magnetized plasmas, because in the rest frame of those plasmas, electric fields are usually efficiently 
screened. There exist a host of possible acceleration mechanisms, which differ from one another in how the particle is 
pushed along the motional electric field and how this motional electric field is generated. Section 2 has put emphasis on 
the most famous acceleration mechanisms, namely acceleration in turbulent flows, acceleration at collisionless shock waves 
and acceleration in reconnection flows. In general, one can describe to a satisfactory degree of accuracy the physics of ac-
celeration in the test-particle limit, in which one neglects the influence of the accelerated particles on their environment. 
However, modern developments have shown that, as these accelerated particles draw a substantial fraction of the injected 
kinetic and/or magnetic energies, they are able to back-react on the flow structure and therefore modify in way the acceler-
ation process. This non-linear relationship, which generally acts on microphysical scales, is the topic of most modern studies 
in this field.

In contrast, the microphysics of radiation processes, discussed in Section 3, are well known. What hampers a quick and 
easy comparison of predictions to the data is rather the construction of a model of the source on macrophysical scales 
with a realistic description of the radiative and magnetohydrodynamical backgrounds. Such quantities are often imperfectly 
known, if at all, or difficult to model in fine details. The subsequent articles offer clear examples of this complexity.

Nevertheless, the fast development of our knowledge of the violent Universe demonstrates how successful the general 
interplay between theory and observations has been. With the advent of new instruments at these high energies (see, e.g., 
[97] in the second volume of this review), the future indeed looks bright for both theorists and observers in this field.

In past decades, and even more so in recent years, numerical simulations have brought in a new way to address the 
complex and multi-scale nature of these problems. In the field of acceleration physics, particle-in-cell and magnetohydro-
dynamical simulations have offered refined descriptions of the environment on the microphysical scales of interest, with 
a direct access to the non-linear relationship between the supra-thermal particles and the surrounding electromagnetic 
flow structure. Magneto-hydrodynamical, Monte Carlo and radiative transfer simulations have also offered more accurate 
modellings of the source and of the spectra determinations. These numerical tools are already inescapable and the ever 
increasing computing facility obviously offers a bright future to this approach.
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